
blazar	


21cm forest と high-z 電波天体 ���
（radio quasars, GRBs + fast radio bursts）�

                                                       First Radiation Fields,���
First Magnetic Fields, First Star Formation	
Benedetta Ciardi (MPA)	


GRB	


Fermi	


Kiyotomo Ichiki (CfCP/NAOJ)	

Keitaro Takahashi (Princeton)	


see	

also	


Inoue, Omukai & Ciardi, MNRAS, submitted (astro-ph/0502218)	
5@5	


GeV	


“in an interstella burst i am back to reveal the universe”	

- after T. Yorke	


R. Salvaterra, T. R. Choudhury, A. Ferrara,	

B. Ciardi, R. Schneider	

K. Ichiki, K. Takahashi	

K. Omukai	


ALMA	
submm	

SKA	


radio	


z~30-6	


epoch of first star formation	

lots of theory	

but almost no observations!!!	


Probing the First Stars, UV Radiation, B Fields, Dust…	


かなた	 

GRBs, blazars	


CTA	


井上 進�(MPI für Physik/東大宇宙線研)	


with (more than) a little help from my friends	


R. Salvaterra, T. R. Choudhury, A. Ferrara,	

B. Ciardi, R. Schneider	

(MNRAS in press, arXiv:0906.2495)	

Y. Inoue, M. Kobayashi, T. Totani, Y. Niinou	

(in prep.)	


ALMA	


SPICA	


ASTRO-H	


TMT	


TMT時代のGRBで切り拓く超遠方宇宙�GRBs for UNravelling the Dark Ages Mission �

再電離	

（磁場）�

金属	


ダスト	


分子	


HiZ-G	


IceCube	


島袋隼士、市来淨與 (名大)、横山修一郎（宇宙線研） �



outline�

2. radio sources for 21cm forest studies	

    radio quasars, Pop III GRBs (first SMBHs?)	


1. 21cm forest	

    probe of cosmic dawn/reionization	

    probe of cosmology (small-scale power spectrum)	


3. fast radio bursts:	

    potential probe of ionized IGM	

   (missing baryons, reionization)	


- prospects for non-Gaussianity 	


Shimabukuro, Ichiki, SI, Yokoyama arXiv:1403.1605 �

Inoue 2004 MNRAS 348, 999�



Lyman alpha forest�

from Ned Wright’s	

webpage�



21cm forest (absorption lines)	


Furlanetto & Loeb 02	
absorber abundance 	


mock spectra	


also Carilli+ 02, Furlanetto 06, Xu+ 09, 11,	

Meiksin 11, Mack & Wyithe 12, Ciardi+ 12	


also interesting as probe of small-scale P(k)? � z>>6 essential	

-  significant before cosmic reionization z>6	

- dominant signal from minihalos (M<108 MΘ)	

- 10s of narrow lines (dν~ few kHz) out to z>~10	

- sensitive to UV background �



21cm forest + mean IGM absorption � Carilli, Gnedin & Owen 02	

assuming Cyg-A like source at z=10	


narrow features from dense systems	

+ mean absorption from IGM	




2992 K. J. Mack and J. S. B. Wyithe

Figure 2. Non-uniform IGM model outputs in the redshift range 8 ≤ z ≤ 9.
The panels show the overdensity δ, neutral hydrogen fraction xH I and 21 cm
optical depth τ in the non-uniform model region, from a two-phase IGM
code developed by Geil & Wyithe (2008). The size of the simulation box is
70 cMpc cubed, with 360 pixels per side length. Multiple slices through the
simulation box are used, giving a total of 280 cMpc.

transfer is not straightforward, constraining fX (to within an order
of magnitude, for instance) would be a helpful guide to future model
building.

In our model, the main effect of the variation of fX is a change
in the gas temperature, and, thus, the mean 21 cm optical depth.
In Fig. 3, we plot the mean 21 cm optical depth as a function of
redshift for fX values between 0.01 and 100. The thick black line is
for fX = 1, as in the bottom panel of Fig. 1. The lines with higher
(lower) optical depth have lower (higher) fX values, representing
less (more) effective heating. We highlight with the grey area the
‘forest region’ where the non-uniform model determines the over-
density and ionized fraction. In these calculations, we assume a
background source at z = 9. We see from Fig. 3 that varying fX

by an order of magnitude can have a roughly order-of-magnitude
effect on the optical depth. This is due to the fact that the overall op-
tical depth is strongly dependent on the spin temperature TS, which
varies by roughly an order of magnitude with each factor of 10 in
fX.

Our modelling includes X-ray heating spatial fluctuations only
in a limited way: for each pixel in the local simulation region (z =
8 to 9), we employ an adiabatic temperature–density relationship
[T = T0(1 + δ)γ−1] so that the overall global temperature of the gas
T0 (determined by the uniform X-ray heating) is modulated by each
region’s local overdensity δ. Viewing the temperature fluctuation
on a particular scale as governed by an effective adiabatic index for
that region, we estimate that the error in the temperature fluctuation
introduced by assuming γ = 5/3 for each pixel can be up to an order
of magnitude, depending on the scale and redshift (see Pritchard &
Furlanetto 2007, figs 4 and 5). This limitation should be taken into
account when considering the ability of our methods to distinguish
different models of X-ray heating, but we do not expect that a more

Figure 3. Mean 21 cm optical depth τ as a function of observed frequency,
for varying fX values: from top to bottom curve, fX = 0 (no X-ray heating),
0.01, 0.1, 1 (thick black line), 10 and 100. Also included are curves of Smin
(dashed purple lines) as defined in equation (9). These lines indicate, for
each value of τ on the left-hand axis, the minimum observed flux density of
a source that would allow a detection of absorption at S/N of 5, assuming
an array with effective area Aeff = 106 m2, frequency resolution $νch =
1 kHz, system temperature given by equation (10) and integration time tint =
1 week. The redshift dependence comes from the frequency dependence of
the system temperature. Where the mean optical depth lines (solid) cross
above the Smin lines (dashed), the absorption is detectable at that redshift.
The grey region highlights the redshift range (z = 8–9) we focus on in our
example calculations in this work.

detailed treatment of X-ray heating variations would qualitatively
alter our results.

From Fig. 3, we see that if the 21 cm forest is detected in the
spectra of high-redshift radio sources, measurements of the optical
depth can constrain the parameter fX and thus give us insight into
the thermal history of the IGM. Against a sufficiently bright source,
the 21 cm forest spectrum can reveal the layout of photoionized
bubbles along the line of sight (which would appear as transmission
windows between regions of absorption), and, potentially, varia-
tions in density and ionized fraction. Narrow absorption lines from
dense neutral regions would also be detectable in such observations.
Absorption lines can have optical depths at levels as high as 1 per
cent (Furlanetto 2006a), but because of their narrowness (typically
2 to 3 kHz) their detectability in low mean optical depth regions
would be highly dependent on their number and density. In princi-
ple, fX can also affect the number and depth of absorption lines,
by altering the background radiation field in which small haloes
or protogalaxies reside. We discuss the implications of absorption
lines in Section 6.

For some redshifts and fX values, the mean optical depth is so low
as to make detection of 21 cm forest features difficult or impossible,
even with future instruments such as the SKA. For a very radio-
loud source at high redshift, a wide range of thermal histories will
produce a detectable forest signal, and the optical depth can be
used to constrain fX, but sources with low flux densities in the
frequencies of interest may result in a detection only for low values
of fX. In this case, a non-detection of the 21 cm forest may provide
a constraint on the thermal history.

In Sections 5 and 6 below, we discuss how prospects for the
detection of the 21 cm forest depend upon the source population and
the thermal history of the IGM, and we consider how the presence of

C© 2012 The Authors, MNRAS 425, 2988–3001
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Figure 8. Evolution of the gas transmissivity along a random LOS for
different assumptions about the gas temperature, T. From top to bottom
the gas temperature is the one determined from the radiative transfer of
UV photons only; the maximum of the one determined from the radiative
transfer of UV photons and the one calculated including also the contribution
from Lyα photons from stars; the maximum of the one determined from the
radiative transfer of UV photons and the one calculated including also the
contribution from Lyα photons from stars and X-ray photons from quasars.

a different class of sources, as X-ray binaries (see e.g. Furlanetto
2006; Dijkstra et al. 2012), then the associated heating would be
different. We defer to future work a more detailed investigation of
the role of the X-ray background and the contribution to it from
different types of sources.

As already pointed out by other authors (e.g. Mack & Wyithe
2012), the above arguments seem to suggest that it would be pos-
sible to discriminate between different IGM reheating histories, in
particular if a high-energy component were present in the ionizing
spectrum.

4.2 Dependence on source spectra

As discussed in Section 3, the simulations have been run for a
variety of source spectra. Here we show the differences induced in
terms of transmission. In the top panel of Fig. 9 a reference LOS for
the reionization model E1.2-α1.8 is shown. In the other panels the
ratios between the transmissivity of model E1.2-α1.8 and models
E1.2-α1-3, E1.6-α3 and E1.2-α3 are plotted. In the third and fourth
panels from the top the ratio is always larger than 1, meaning that the
optical depth in E1.2-α1.8 is lower than in E1.6-α3 and E1.2-α3 (i.e.
the simulations with softer spectra), as expected. In fact, although
xH i is very similar in E1.2-α1.8 and E1.6-α3, the temperature in
the latter is typically lower, resulting in a higher optical depth. On
the other hand, as in model E1.2-α3 reionization is less advanced,
the optical depth is always larger than for the other cases. Models
E1.2-α1.8 and E1.2-α1-3 have very similar average xH i and T, but
their distributions are slightly different. This reflects also on the
transmissivity.

These very small differences in transmissivity predicted by dif-
ferent reionization models are to be expected. As discussed in the
previous section, the models do have different values of τ 21cm, but
these are more pronounced when τ 21cm is in any case too low to
produce appreciable absorption. In fact, all models have very sim-
ilar hydrogen reionization histories, with the largest discrepancies

Figure 9. From the top to the bottom panels we show the evolution of the
gas transmissivity along a random LOS for the reionization model E1.2-
α1.8, and the ratios between the transmissivity of model E1.2-α1.8 and
models E1.2-α1-3, E1.6-α3 and E1.2-α3, respectively. The ratios have been
calculated using the same LOS as the upper panel.

being associated with the temperature reached either in the ionized
regions or in their outskirts, where the hardness of the spectrum
makes most of the difference. From the point of view of the absorp-
tion, though, the exact value of the temperature in a fully or partially
ionized cell is not relevant. On the other hand, the regions which
produce most of the absorption, i.e. the cold, high-density gas not
reached by ionizing photons, are basically the same in all models.
Thus, unless the reionization histories are very different from each
other (e.g. a predominance of UV versus X-ray sources), we do not
expect to be able to distinguish them by means of observations of
the 21 cm forest.

5 INSTRUMENTA L EFFECTS

In this section we describe the process used to simulate the spectra
as they would be observed by LOFAR. The input of the simula-
tion is a file containing the optical depth as a function of redshift
(or, equivalently, frequency) and the parameters associated with the
background radio source, i.e. its redshift, zs, flux density, Sin(zs),
and spectral index, α. Consistently with previous studies (e.g. Carilli
et al. 2002) we assume that the source has a power-law spectrum. In
principle, the effect of the point spread function side lobes running
through the source of interest can be taken into account by including
more sources at different positions, with or without absorption fea-
tures. Here, this has not been considered. For a narrow bandwidth,
the equation giving the observed visibilities is

Vν (u) =
Nsources∑

i

Iν(s)e−2πiu·s + n, (2)

where u = (u, v,w) are the coordinates of a given baseline at a
certain time t, Iν is the observed source intensity, s = (l, m, n) is a
vector representing the direction cosines for a given source direction
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Figure 2. Non-uniform IGM model outputs in the redshift range 8 ≤ z ≤ 9.
The panels show the overdensity δ, neutral hydrogen fraction xH I and 21 cm
optical depth τ in the non-uniform model region, from a two-phase IGM
code developed by Geil & Wyithe (2008). The size of the simulation box is
70 cMpc cubed, with 360 pixels per side length. Multiple slices through the
simulation box are used, giving a total of 280 cMpc.

transfer is not straightforward, constraining fX (to within an order
of magnitude, for instance) would be a helpful guide to future model
building.

In our model, the main effect of the variation of fX is a change
in the gas temperature, and, thus, the mean 21 cm optical depth.
In Fig. 3, we plot the mean 21 cm optical depth as a function of
redshift for fX values between 0.01 and 100. The thick black line is
for fX = 1, as in the bottom panel of Fig. 1. The lines with higher
(lower) optical depth have lower (higher) fX values, representing
less (more) effective heating. We highlight with the grey area the
‘forest region’ where the non-uniform model determines the over-
density and ionized fraction. In these calculations, we assume a
background source at z = 9. We see from Fig. 3 that varying fX

by an order of magnitude can have a roughly order-of-magnitude
effect on the optical depth. This is due to the fact that the overall op-
tical depth is strongly dependent on the spin temperature TS, which
varies by roughly an order of magnitude with each factor of 10 in
fX.

Our modelling includes X-ray heating spatial fluctuations only
in a limited way: for each pixel in the local simulation region (z =
8 to 9), we employ an adiabatic temperature–density relationship
[T = T0(1 + δ)γ−1] so that the overall global temperature of the gas
T0 (determined by the uniform X-ray heating) is modulated by each
region’s local overdensity δ. Viewing the temperature fluctuation
on a particular scale as governed by an effective adiabatic index for
that region, we estimate that the error in the temperature fluctuation
introduced by assuming γ = 5/3 for each pixel can be up to an order
of magnitude, depending on the scale and redshift (see Pritchard &
Furlanetto 2007, figs 4 and 5). This limitation should be taken into
account when considering the ability of our methods to distinguish
different models of X-ray heating, but we do not expect that a more

Figure 3. Mean 21 cm optical depth τ as a function of observed frequency,
for varying fX values: from top to bottom curve, fX = 0 (no X-ray heating),
0.01, 0.1, 1 (thick black line), 10 and 100. Also included are curves of Smin
(dashed purple lines) as defined in equation (9). These lines indicate, for
each value of τ on the left-hand axis, the minimum observed flux density of
a source that would allow a detection of absorption at S/N of 5, assuming
an array with effective area Aeff = 106 m2, frequency resolution $νch =
1 kHz, system temperature given by equation (10) and integration time tint =
1 week. The redshift dependence comes from the frequency dependence of
the system temperature. Where the mean optical depth lines (solid) cross
above the Smin lines (dashed), the absorption is detectable at that redshift.
The grey region highlights the redshift range (z = 8–9) we focus on in our
example calculations in this work.

detailed treatment of X-ray heating variations would qualitatively
alter our results.

From Fig. 3, we see that if the 21 cm forest is detected in the
spectra of high-redshift radio sources, measurements of the optical
depth can constrain the parameter fX and thus give us insight into
the thermal history of the IGM. Against a sufficiently bright source,
the 21 cm forest spectrum can reveal the layout of photoionized
bubbles along the line of sight (which would appear as transmission
windows between regions of absorption), and, potentially, varia-
tions in density and ionized fraction. Narrow absorption lines from
dense neutral regions would also be detectable in such observations.
Absorption lines can have optical depths at levels as high as 1 per
cent (Furlanetto 2006a), but because of their narrowness (typically
2 to 3 kHz) their detectability in low mean optical depth regions
would be highly dependent on their number and density. In princi-
ple, fX can also affect the number and depth of absorption lines,
by altering the background radiation field in which small haloes
or protogalaxies reside. We discuss the implications of absorption
lines in Section 6.

For some redshifts and fX values, the mean optical depth is so low
as to make detection of 21 cm forest features difficult or impossible,
even with future instruments such as the SKA. For a very radio-
loud source at high redshift, a wide range of thermal histories will
produce a detectable forest signal, and the optical depth can be
used to constrain fX, but sources with low flux densities in the
frequencies of interest may result in a detection only for low values
of fX. In this case, a non-detection of the 21 cm forest may provide
a constraint on the thermal history.

In Sections 5 and 6 below, we discuss how prospects for the
detection of the 21 cm forest depend upon the source population and
the thermal history of the IGM, and we consider how the presence of
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FIG. 4: Contribution of halos in different mass ranges to the
abundance of 21 cm absorption features at z=10 (top) and
z=20 (bottom).
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Here, N is the effective number of massive neutrino
species, and Ων is the energy density of massive neutrinos
ρν relative to the critical density ρcr,

Ων =
ρν
ρcr

=

∑

i mi

93.14h2[eV]
, (15)

where mi is the mass of each neutrino family [9]. Tak-
ing all these into account, we plot the halo mass function
including the effect of massive neutrinos in Fig.5. It can
be seen that the suppression of the mass function is most
prominent at the high mass end where it falls off expo-
nentially.
Cosmological observations have already placed rela-

tively tight constraints on neutrino masses. For example,
upper bounds of

∑

mν < 0.17 eV and
∑

mν < 0.26 eV
have been placed from observations of the Lyα forest and
SDSS-III, respectively [10, 48], while recent Planck results
give

∑

mν < 0.66 eV from the CMB alone [3]. To illus-
trate the effect of neutrino mass, we consider three cases,
∑

mν = 0.1, 0.5 and 1.0 eV.
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where mi is the mass of each neutrino family [9]. Tak-
ing all these into account, we plot the halo mass function
including the effect of massive neutrinos in Fig.5. It can
be seen that the suppression of the mass function is most
prominent at the high mass end where it falls off expo-
nentially.
Cosmological observations have already placed rela-

tively tight constraints on neutrino masses. For example,
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mν < 0.17 eV and
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mν < 0.26 eV
have been placed from observations of the Lyα forest and
SDSS-III, respectively [10, 48], while recent Planck results
give
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mν < 0.66 eV from the CMB alone [3]. To illus-
trate the effect of neutrino mass, we consider three cases,
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mν = 0.1, 0.5 and 1.0 eV.
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The abundance of absorbers for different neutrino
masses at z =10 and 20 is shown in Fig.6. At z = 10,
the resulting differences are found to be quite small,
less than a factor of 3 even for

∑

mν = 1.0 eV. How-
ever, at z = 20, this can become much larger, reflect-
ing the differences in the halo mass function in the mass
range that is most important for the 21 cm forest signal,
M ≈ 104 ∼ 106h−1M". Fig.5 shows that the exponential
tail of the mass function, where the effect of the neutrino
mass is largest, is much closer to this range for z = 20
than for z = 10. This is despite the fact that the sup-
pression of the linear matter transfer function below the
free streaming scale is actually smaller at higher redshifts
[49].
At any rate, for the purpose of constraining neutrino

masses, it is apparent that the 21 cm forest must be ob-
served at z ∼ 20 or higher in order to have any practical
value in comparison with other methods. We return to
this issue in Section IV.

B. Running spectral index

The running of the spectral index ns of primordial fluc-
tuations, dns/d lnk, is defined by

∆2
R =

k3〈| Rk |2〉
2π2

= ∆2
R(k0)

(

k

k0

)ns−1+ 1

2
ln(k/k0)dns/d ln k

, (16)

where k0 = 0.05Mpc−1, and Rk is the primordial curva-
ture perturbation [50].
The latest constraints from Planck on the spectral in-

dex and RSI are ns = 0.9548± 0.0073 and dns/d ln k =
−0.0149± 0.0085 in combination with WMAP polariza-
tion and high-l CMB data, and ns = 0.9596 ± 0.0063
and dns/d ln k = −0.0130± 0.0090 in combination with
WMAP polarization and BAO data [51]. For several as-
sumed combinations of the spectral index and RSI, we
show the resulting halo mass function and abundance of
21 cm absorbers in Fig.7 and Fig.8, respectively.
In contrast to massive neutrinos that suppress the

power spectrum uniformly at all scales below the free
streaming scale, the effect of RSI can be potentially more
significant, since it becomes progressively larger as one
goes to smaller scales. However, taken into account the
latest constraints from Planck and other observations, we
see that its effect on the 21 cm forest at z = 10 remains
within a factor or a few. As with the case of massive neu-
trinos, the effect of RSI is found to be larger at z = 20, for
similar reasons: the most relevant range of halo masses
for the 21 cm forest is closer to the high mass tail of the
mass function, which is exponentially sensitive to changes
in the fluctuation amplitude caused by RSI. Thus, if the
21 cm forest is observable at z = 20 or higher, one may
hope to obtain valuable constraints on RSI, which in turn
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larization + high-l CMB data.
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Here, N is the effective number of massive neutrino
species, and Ων is the energy density of massive neutrinos
ρν relative to the critical density ρcr,

Ων =
ρν
ρcr

=

∑

i mi

93.14h2[eV]
, (15)

where mi is the mass of each neutrino family [9]. Tak-
ing all these into account, we plot the halo mass function
including the effect of massive neutrinos in Fig.5. It can
be seen that the suppression of the mass function is most
prominent at the high mass end where it falls off expo-
nentially.
Cosmological observations have already placed rela-

tively tight constraints on neutrino masses. For example,
upper bounds of

∑

mν < 0.17 eV and
∑

mν < 0.26 eV
have been placed from observations of the Lyα forest and
SDSS-III, respectively [10, 48], while recent Planck results
give

∑

mν < 0.66 eV from the CMB alone [3]. To illus-
trate the effect of neutrino mass, we consider three cases,
∑

mν = 0.1, 0.5 and 1.0 eV.
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integration time tint, the required minimum background
source brightness is

Smin = 16mJy

(

0.01

τ

)(

S/N

5

)(

1kHz

∆ν

)1/2

×
(

2.5× 103[m2/K]

Aeff/Tsys

)(

1 week

tint

)1/2

,

(22)

where the specifications of SKA are adopted for the ef-
fective collecting area Aeff and system temperature Tsys.
Our results in Section III at face value show that spec-

troscopy of a single source with such properties at z ∼ 10
may reveal tens to hundreds of absorption features with
τ ∼ 0.01 − 0.1, which could already provide important
information on the SSPS. Multiple sources would still be
desirable to characterize fluctuations along different lines
of sight. On the other hand, at z ∼ 10, our neglect of
astrophysical effects such as the UV background or reion-
ization and heating of the IGM is hardly justifiable. As
discussed below, in reality, such effects may completely
dominate over any of the SSPS-related effects discussed
above, which were quite small already at z = 10 except
for WDM.
In this regard, z ∼ 20 or higher would be much more

preferable, since the formation of stars and galaxies and

their consequent feedback effects are likely to be consid-
erably less advanced. Moreover, as seen in the previous
section, the effects on the 21 cm forest caused by interest-
ing non-standard physics aspects such as neutrino mass,
running spectral index and warm dark matter all become
significantly larger at z ∼ 20. On the other hand, the ex-
pected number of absorption features is much less, only
of order one with τ ∼ 0.01 along a given line of sight.
Thus, at these redshifts, at least several (and preferably
much more) background sources would be required for
the 21 cm forest to be a useful probe of the SSPS.

Primary candidates for such sources at high redshifts
are radio-loud quasars. For example, an object similar
to a powerful, local radio galaxy such as Cyg A would
have the requisite brightness if placed at z ∼ 10 [23].
Estimates based on extrapolations of the observed radio
luminosity functions to higher redshifts suggest that de-
pending on the assumptions, there could be as many as
∼ 104−105 and ∼ 103−104 radio quasars with sufficient
brightness in the whole sky at z = 10 and z = 15, re-
spectively [25] (see also [56]). However, from a physical
standpoint, it is an open question whether black holes
with accordingly large masses could already have existed
at such epochs.

An alternative possibility is the radio afterglows of cer-
tain types of GRBs. GRBs have already been observed
up to z ∼ 8 − 9, and it is plausible that they occur up
to the earliest epochs of star formation in the universe
at z ∼ 20 or higher [57]. However, if such GRBs are
similar to those seen at lower redshifts, their radio after-
glows are not expected to be bright enough at the rele-
vant observer frequencies νobs ∼ 100 MHz due to strong
synchrotron self-absorption [58, 59]. On the other hand,
it has been recently proposed that GRBs arising from
Population (Pop) III stars forming in metal-free environ-
ments may be much more energetic compared to ordinary
GRBs, which can generate much brighter low-frequency
radio afterglows by virtue of their blastwaves expanding
to larger radii over long timescales trad,pk ∼ 1000 yr [60].
If the rate of Pop III GRBs with sufficiently bright radio
emission is 0.1 yr−1 or roughly 10−4 of all GRBs, one
can expect ∼ 100 such sources all sky at a given time.
Thus they may potentially suffice for 21 cm forest studies
even at z ∼ 20, albeit with large uncertainties. A practi-
cal question that remains is how we can observationally
identify such sources. Further discussions on the observ-
ability of the 21 cm forest are beyond the scope of this
paper and will be explored in future work.

Next, we briefly discuss some aspects of astrophysical
feedback effects that we have chosen to neglect in this
work in order to focus on the implications of the SSPS.
Once the formation of stars and/or black holes is initiated
in the universe, a background of UV and X-ray photons
will build up over time. Ly α photons can resonantly
scatter with hydrogen atoms and alter its hyperfine ex-
citation state via the Wouthuysen-Field effect (see Eq.7)
[30]. Furthermore, UV and X-ray photons as well as
shocks driven by supernova explosions, quasar outflows,

warm dark matter�
mWDM=2-30 keV �

- mWDM~<30 keV: significant effect	

  mWDM<few keV: total suppression	
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Here, N is the effective number of massive neutrino
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ρν relative to the critical density ρcr,
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where mi is the mass of each neutrino family [9]. Tak-
ing all these into account, we plot the halo mass function
including the effect of massive neutrinos in Fig.5. It can
be seen that the suppression of the mass function is most
prominent at the high mass end where it falls off expo-
nentially.
Cosmological observations have already placed rela-

tively tight constraints on neutrino masses. For example,
upper bounds of

∑

mν < 0.17 eV and
∑

mν < 0.26 eV
have been placed from observations of the Lyα forest and
SDSS-III, respectively [10, 48], while recent Planck results
give

∑

mν < 0.66 eV from the CMB alone [3]. To illus-
trate the effect of neutrino mass, we consider three cases,
∑

mν = 0.1, 0.5 and 1.0 eV.
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where mi is the mass of each neutrino family [9]. Tak-
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may help in discriminating different inflation models [11],
independently from other observations.

C. Warm dark matter

To evaluate the halo mass function in the WDM cos-
mology, we utilize the prescription of Smith & Markovic
[52]. For WDM of particle mass mWDM and density
ΩWDM relative to the critical density, the comoving free
streaming scale can be approximated by

λfs ∼ 0.11

(

ΩWDMh2

0.15

)1/3(mWDM

keV

)−4/3

[Mpc]. (17)

The mass scale below which halo formation is suppressed
is [53]

Mfs =
4

3
π

(

λfs

2

)3

ρ̄m. (18)

The halo mass function in the WDM cosmology is ap-
proximately [52]

dn

dM
(M, z) =

1

2

{

1 + erf

[

log10(M/Mfs)

σlogM

]}[

dn

dM

]

PS

.

(19)
Here σlogM=0.5, and [dn/dM ]PS is the Press-Schechter
mass function evaluated with a fitting formula for the
matter power spectrum with WDM [54, 55]

PWDM(k) = PCDM(k){[1 + (αk)2µ]−5/µ}2 , (20)

where α and µ are fitting parameters given by

α = 0.049

(

mWDM

keV

)−1.11(ΩWDM

0.25

)0.15( h

0.7

)1.22

h−1[Mpc]

(21)
and µ = 1.12 [55].
The resulting halo mass functions at z = 10 and 20

for WDM with different particle masses compared with
CDM are plotted in Fig.9. As can clearly be seen, WDM
drastically suppresses the mass function below the mass
scale Mfs that depends on mWDM, while remaining iden-
tical to CDM above this scale.
Fig.10 shows the corresponding abundance of 21 cm

absorbers for WDM, which manifest dramatic changes
in accord with the halo mass function at small masses.
The effects at z = 20 are even stronger than at z = 10,
for reasons similar to that discussed above for neutrinos
or RSI. In fact, if mWDM is in the few keV range as is
favored to explain the missing satellite problem [17], the
suppression would be so great as to virtually make any 21
cm forest signal unobservable, as the relevant minihalos
are much smaller than the satellites in question.
On the other hand, the cause of the missing satellite

problem may lie in some kind of astrophysical feedback
effect. From a particle physics perspective, WDM is still
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motivated in some theories, for example as sterile neu-
trinos, whose mass has been constrained to be in the
range ∼ 1-50 keV, also depending on the mixing angle
(see Fig.2 in [13]). The current upper limits on their
mass come from non-detections of X-ray lines caused by
decaying sterile neutrinos in clusters of galaxies and the
cosmic X-ray background. We see from Fig.10 that fu-
ture observations of the 21 cm forest may provide an
observable and potentially more sensitive probe of such
particles with masses mWDM ! 10 keV.

IV. DISCUSSION AND SUMMARY

We now turn to a discussion of the observability of the
21 cm forest due to minihalos. The principal question
is the existence of background radio sources with suffi-
cient brightness and number at the relevant frequency
and redshifts of z ∼ 10 − 20. The low temperatures
of minihalos imply that the width of the expected ab-
sorption features are narrow, necessitating spectroscopy
with frequency resolution of order ∆ν ∼ kHz at observer
frequencies νobs ∼ 70-130 MHz. Following [22], in or-
der to detect absorption features of optical depth τ with
frequency resolution ∆ν and signal-to-noise S/N for an
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Here, N is the effective number of massive neutrino
species, and Ων is the energy density of massive neutrinos
ρν relative to the critical density ρcr,

Ων =
ρν
ρcr

=

∑

i mi

93.14h2[eV]
, (15)

where mi is the mass of each neutrino family [9]. Tak-
ing all these into account, we plot the halo mass function
including the effect of massive neutrinos in Fig.5. It can
be seen that the suppression of the mass function is most
prominent at the high mass end where it falls off expo-
nentially.
Cosmological observations have already placed rela-

tively tight constraints on neutrino masses. For example,
upper bounds of

∑

mν < 0.17 eV and
∑

mν < 0.26 eV
have been placed from observations of the Lyα forest and
SDSS-III, respectively [10, 48], while recent Planck results
give

∑

mν < 0.66 eV from the CMB alone [3]. To illus-
trate the effect of neutrino mass, we consider three cases,
∑

mν = 0.1, 0.5 and 1.0 eV.

10-10

10-8

10-6

10-4

10-2

100

102

104

104 106 108 1010 1012 1014

dN
/d

ln
M

 [h
3  M

pc
-3

]

M [h-1Msun]

z=10,Σmν=0.0eV
z=10,Σmν=1.0eV
z=20,Σmν=0.0eV
z=20,Σmν=1.0eV

FIG. 5: Halo mass functions at z=10 and 20 for different
values of the total mass of neutrinos as indicated in the legend.

10-2

10-1

100

101

102

τd
2 N

/d
zd
τ

Σ=0.0eV
Σ=0.1eV
Σ=0.5eV
Σ=1.0eV

10-4

10-3

10-2

10-1

 0.01  0.1  1

τd
2 N

/d
zd
τ

τ

FIG. 6: Abundance of 21 cm absorption features per redshift
interval at z = 10 (top) and z = 20 (bottom), for different val-
ues of the total neutrino mass

∑
mν = 0.0eV, 0.1eV, 0.5eV,

and 1.0eV.

6

10-2

10-1

100

101

102

τd
2 N

/d
τd

z

108-107h-1Msun
107-106h-1Msun
106-105h-1Msun
105-104h-1Msun

10-5

10-4

10-3

10-2

10-1

 0.01  0.1  1

τd
2 N

/d
zd
τ

τ

FIG. 4: Contribution of halos in different mass ranges to the
abundance of 21 cm absorption features at z=10 (top) and
z=20 (bottom).

free streaming scale is given by [47]
(

∆P

P

)

∼ −8
Ων

Ωm
∼ −0.8

( mν

1eV

)

(

0.1N

Ωmh2

)

. (14)

Here, N is the effective number of massive neutrino
species, and Ων is the energy density of massive neutrinos
ρν relative to the critical density ρcr,

Ων =
ρν
ρcr

=

∑

i mi

93.14h2[eV]
, (15)

where mi is the mass of each neutrino family [9]. Tak-
ing all these into account, we plot the halo mass function
including the effect of massive neutrinos in Fig.5. It can
be seen that the suppression of the mass function is most
prominent at the high mass end where it falls off expo-
nentially.
Cosmological observations have already placed rela-

tively tight constraints on neutrino masses. For example,
upper bounds of

∑

mν < 0.17 eV and
∑

mν < 0.26 eV
have been placed from observations of the Lyα forest and
SDSS-III, respectively [10, 48], while recent Planck results
give

∑

mν < 0.66 eV from the CMB alone [3]. To illus-
trate the effect of neutrino mass, we consider three cases,
∑

mν = 0.1, 0.5 and 1.0 eV.

10-10

10-8

10-6

10-4

10-2

100

102

104

104 106 108 1010 1012 1014

dN
/d

ln
M

 [h
3  M

pc
-3

]

M [h-1Msun]

z=10,Σmν=0.0eV
z=10,Σmν=1.0eV
z=20,Σmν=0.0eV
z=20,Σmν=1.0eV

FIG. 5: Halo mass functions at z=10 and 20 for different
values of the total mass of neutrinos as indicated in the legend.

10-2

10-1

100

101

102

τd
2 N

/d
zd
τ

Σ=0.0eV
Σ=0.1eV
Σ=0.5eV
Σ=1.0eV

10-4

10-3

10-2

10-1

 0.01  0.1  1

τd
2 N

/d
zd
τ

τ

FIG. 6: Abundance of 21 cm absorption features per redshift
interval at z = 10 (top) and z = 20 (bottom), for different val-
ues of the total neutrino mass

∑
mν = 0.0eV, 0.1eV, 0.5eV,

and 1.0eV.

8

may help in discriminating different inflation models [11],
independently from other observations.

C. Warm dark matter

To evaluate the halo mass function in the WDM cos-
mology, we utilize the prescription of Smith & Markovic
[52]. For WDM of particle mass mWDM and density
ΩWDM relative to the critical density, the comoving free
streaming scale can be approximated by

λfs ∼ 0.11

(

ΩWDMh2

0.15

)1/3(mWDM

keV

)−4/3

[Mpc]. (17)

The mass scale below which halo formation is suppressed
is [53]

Mfs =
4

3
π

(

λfs

2

)3

ρ̄m. (18)

The halo mass function in the WDM cosmology is ap-
proximately [52]

dn

dM
(M, z) =

1

2

{

1 + erf

[

log10(M/Mfs)

σlogM

]}[

dn

dM

]

PS

.

(19)
Here σlogM=0.5, and [dn/dM ]PS is the Press-Schechter
mass function evaluated with a fitting formula for the
matter power spectrum with WDM [54, 55]

PWDM(k) = PCDM(k){[1 + (αk)2µ]−5/µ}2 , (20)

where α and µ are fitting parameters given by

α = 0.049

(

mWDM

keV

)−1.11(ΩWDM

0.25

)0.15( h

0.7

)1.22

h−1[Mpc]

(21)
and µ = 1.12 [55].
The resulting halo mass functions at z = 10 and 20

for WDM with different particle masses compared with
CDM are plotted in Fig.9. As can clearly be seen, WDM
drastically suppresses the mass function below the mass
scale Mfs that depends on mWDM, while remaining iden-
tical to CDM above this scale.
Fig.10 shows the corresponding abundance of 21 cm

absorbers for WDM, which manifest dramatic changes
in accord with the halo mass function at small masses.
The effects at z = 20 are even stronger than at z = 10,
for reasons similar to that discussed above for neutrinos
or RSI. In fact, if mWDM is in the few keV range as is
favored to explain the missing satellite problem [17], the
suppression would be so great as to virtually make any 21
cm forest signal unobservable, as the relevant minihalos
are much smaller than the satellites in question.
On the other hand, the cause of the missing satellite

problem may lie in some kind of astrophysical feedback
effect. From a particle physics perspective, WDM is still
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motivated in some theories, for example as sterile neu-
trinos, whose mass has been constrained to be in the
range ∼ 1-50 keV, also depending on the mixing angle
(see Fig.2 in [13]). The current upper limits on their
mass come from non-detections of X-ray lines caused by
decaying sterile neutrinos in clusters of galaxies and the
cosmic X-ray background. We see from Fig.10 that fu-
ture observations of the 21 cm forest may provide an
observable and potentially more sensitive probe of such
particles with masses mWDM ! 10 keV.

IV. DISCUSSION AND SUMMARY

We now turn to a discussion of the observability of the
21 cm forest due to minihalos. The principal question
is the existence of background radio sources with suffi-
cient brightness and number at the relevant frequency
and redshifts of z ∼ 10 − 20. The low temperatures
of minihalos imply that the width of the expected ab-
sorption features are narrow, necessitating spectroscopy
with frequency resolution of order ∆ν ∼ kHz at observer
frequencies νobs ∼ 70-130 MHz. Following [22], in or-
der to detect absorption features of optical depth τ with
frequency resolution ∆ν and signal-to-noise S/N for an
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entire region above and below the disk (Fig. 2D)
was ionized.Mass accretion was terminatedwhen
the stellar mass was 43 M⊙ (Fig. 3).

The entire evolution described above took
about 0.1 million years from the birth of the em-
bryo protostar to the termination of the accretion.
The star is expected to live another few million
years before exhausting all available nuclear fuel
and exploding as a core-collapse supernova (15).

Our calculations show that the first stars reg-
ulated their growth by their own radiation. They
were not extremely massive, but rather similar in
mass to the O-type stars in our Galaxy. This re-
solves a long-standing enigma regarding the el-
emental abundance patterns of the Galactic oldest
metal-poor stars, which contain nucleosynthetic
signatures from the earliest generation of stars.
If a substantial number of first stars had masses
in excess of 100M⊙, they would end their lives
through pair-instability supernovae (16, 17), ex-
pelling heavy elements that would imprint a
characteristic nucleosynthetic signature to the
elemental abundances in metal-poor stars. How-
ever, no such signatures have been detected in
the metal-poor stars in the Galactic halo (18, 19).
For example, the abundances of elements with
odd atomic numbers are generally reduced in
remnants of primordial supernovae. The odd-
even contrast pattern expected in pair-instability
supernovae is much stronger than the observed
patterns in Galactic metal-poor stars (17). More-
over, pair-instability supernovae predict a small
abundance ratio [Zn/Fe], but observed values are
much larger (16). Detailed spectroscopic studies
of extremely metal-deficient stars indicate that
the metal-poor stars were born in an interstellar
medium that had been metal-enriched by super-
novae of ordinary massive stars (20).

Second-generation stars, which formed from
the primordial gas affected by radiative or me-
chanical feedback from the first stars, could have
dominated the metallicity of the young inter-
stellar medium, which then spawned the observed
Galactic halo stars. These second-generation stars
could have been more numerous but less massive

than the first stars because of a different gas ther-
mal evolution, with additional radiative cooling
via H2 and HDmolecules (21, 22). However, this
mode of star formation is suppressed even with
weak H2 photodissociating background radia-
tion (22). If so suppressed, the formation process
of the later-generation primordial stars would
be similar to that of the very first stars, and most
primordial stars could have experienced the evo-
lution presented in this article regardless of their
generations. One might argue that today’s ob-
served metal-deficient stars formed after an epi-
sode of star formation with nonzero metallicity.
For the star formation process to differ substan-
tially from that of the very first stars, one would
require metallicities in excess of [Fe/H] > −5
(23, 24). Caffau and co-workers (25) report on ob-
servations of a metal-deficient star with [Fe/H] ≅
−5, but without the corresponding enhancement
of carbon, nitrogen, and oxygen found in metal-
deficient stars. The abundance pattern of this star
agrees with expectations from core-collapse su-
pernovae, implying that it formed from gas en-
hanced bymaterial ejected from primordial stars
with masses less than 100 M⊙.

We have performed radiation-hydrodynamic
simulations only for a single star-forming region
embedded in a cosmological simulation. Our se-
lected dark halo was typical in mass, spin, and
formation epoch when compared with those in
other studies (5). The evolution presented here is
somewhat similar to that predicted by the semi-
analytic model, in which the expansion of the
ionized region begins when the stellar mass is
≅25 M⊙ and the final mass is ≅57 M⊙ (8), the
lowest final stellar mass predicted by the semi-
analytic treatment. If input parameters of the
semianalytic models are chosen to fit our initial
gas cloud, however, the final mass should be
higher, ≅90M⊙ (SOM text). Our calculations fol-
low the dynamical response of the infalling gas
onto the circumstellar disk. The expansion of
the ionized region around the protostar generates
a powerful outflow even behind the surrounding
disk. This effect reduces the accretion rate sub-

stantially. Thus, our radiation-hydrodynamic cal-
culations predict final masses systematically lower
than those of the semianalytic models.

Although the results described above provide
a complete picture of how a primordial protostar
regulates and terminates its growth, there are a
few key quantities that determine the strength of
the feedback effect, as suggested by the semi-
analytic model (8). With smaller initial rotation
of the natal dense core, the density in the en-
velope near the polar directions would be higher.
Hydrogen recombination occurs rapidly in the
dense gas, which prevents the breakout of the
ionized region. Gas accretion can last for a longer
time in this case and would form more massive
stars (SOM text). Nevertheless, even considering
variations among dark halos bearing the first
stars, a substantial fraction of the first stars should
be less massive than 100M⊙ and end their lives
as ordinary core-collapse supernovae. Gas ac-
cretion might not be completely halted in a few
exceptional cases, thus leading to the formation
of a small number of extremely massive stars
that are >100M⊙ in the early universe (26). Black
holes left after such very massive stars’ deaths
might have grown up to be the supermassive
black holes lying in galaxies.

Recent 3D cosmological simulations showed
that a primordial gas cloud breaks up into several
embryo protostars in an early phase (27, 28).
Each of these protostars would continue to grow
throughmass accretion, but it remained uncertain
how andwhen the growth is halted. Our radiation-
hydrodynamics calculations explicitly show that
the parent gas cloud is evaporated by intense
radiation from the central star when its mass is
several tens of solar masses. The circumstellar
disks in our simulations are marginally stable
against gravitational fragmentation (fig. S5). We
expect that these disks—in a 3D simulation—
would evolve analogously to our numerical sim-
ulations with assumed axial symmetry and have a
similar time-averaged structure. It is conceivable
that a few protostars are ejected dynamically
from the parent cloud, to remain as low-mass
stars. Observationally, however, there have been
no low-mass zero-metallicity stars discovered in
the Galaxy. This fact suggests the limited for-
mation efficiency of such low-mass primordial
stars (19). Low-mass stars (<1M⊙) and extreme-
ly high mass stars (>100M⊙), if any, are thus a
minor population among the first stars.

Our self-consistent calculations show that
the characteristic mass of the first stars is several
tens of solar masses. Although this is less than
that of the conventionally proclaimed extremely
massive stars (>100 M⊙), it is still much larger
than the characteristic mass of stars in our galaxy
(<1 M⊙) (29).

References and Notes
1. V. Bromm, N. Yoshida, L. Hernquist, C. F. McKee, Nature

459, 49 (2009).
2. K. Omukai, R. Nishi, Astrophys. J. 508, 141 (1998).
3. T. Abel, G. L. Bryan, M. L. Norman, Science 295, 93

(2002).

Fig. 3. Evolution of the
accretion rate onto the pri-
mordial protostar. The blue
line indicates the evolu-
tion, which includes the
effect of UV radiative feed-
back from the protostar.
The red line indicates a nu-
merical experiment with
noUV feedback. The open
and solid circles denote
the characteristic epochs
of the protostellar evolu-
tion, beginning of the KH
contraction, and the pro-
tostar’s arrival to the ZAMS.
Fig. 2, A to D, shows the
snapshots at the moments marked here with asterisks.
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was ionized.Mass accretion was terminatedwhen
the stellar mass was 43 M⊙ (Fig. 3).

The entire evolution described above took
about 0.1 million years from the birth of the em-
bryo protostar to the termination of the accretion.
The star is expected to live another few million
years before exhausting all available nuclear fuel
and exploding as a core-collapse supernova (15).

Our calculations show that the first stars reg-
ulated their growth by their own radiation. They
were not extremely massive, but rather similar in
mass to the O-type stars in our Galaxy. This re-
solves a long-standing enigma regarding the el-
emental abundance patterns of the Galactic oldest
metal-poor stars, which contain nucleosynthetic
signatures from the earliest generation of stars.
If a substantial number of first stars had masses
in excess of 100M⊙, they would end their lives
through pair-instability supernovae (16, 17), ex-
pelling heavy elements that would imprint a
characteristic nucleosynthetic signature to the
elemental abundances in metal-poor stars. How-
ever, no such signatures have been detected in
the metal-poor stars in the Galactic halo (18, 19).
For example, the abundances of elements with
odd atomic numbers are generally reduced in
remnants of primordial supernovae. The odd-
even contrast pattern expected in pair-instability
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patterns in Galactic metal-poor stars (17). More-
over, pair-instability supernovae predict a small
abundance ratio [Zn/Fe], but observed values are
much larger (16). Detailed spectroscopic studies
of extremely metal-deficient stars indicate that
the metal-poor stars were born in an interstellar
medium that had been metal-enriched by super-
novae of ordinary massive stars (20).
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lected dark halo was typical in mass, spin, and
formation epoch when compared with those in
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ionized region begins when the stellar mass is
≅25 M⊙ and the final mass is ≅57 M⊙ (8), the
lowest final stellar mass predicted by the semi-
analytic treatment. If input parameters of the
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gas cloud, however, the final mass should be
higher, ≅90M⊙ (SOM text). Our calculations fol-
low the dynamical response of the infalling gas
onto the circumstellar disk. The expansion of
the ionized region around the protostar generates
a powerful outflow even behind the surrounding
disk. This effect reduces the accretion rate sub-

stantially. Thus, our radiation-hydrodynamic cal-
culations predict final masses systematically lower
than those of the semianalytic models.

Although the results described above provide
a complete picture of how a primordial protostar
regulates and terminates its growth, there are a
few key quantities that determine the strength of
the feedback effect, as suggested by the semi-
analytic model (8). With smaller initial rotation
of the natal dense core, the density in the en-
velope near the polar directions would be higher.
Hydrogen recombination occurs rapidly in the
dense gas, which prevents the breakout of the
ionized region. Gas accretion can last for a longer
time in this case and would form more massive
stars (SOM text). Nevertheless, even considering
variations among dark halos bearing the first
stars, a substantial fraction of the first stars should
be less massive than 100M⊙ and end their lives
as ordinary core-collapse supernovae. Gas ac-
cretion might not be completely halted in a few
exceptional cases, thus leading to the formation
of a small number of extremely massive stars
that are >100M⊙ in the early universe (26). Black
holes left after such very massive stars’ deaths
might have grown up to be the supermassive
black holes lying in galaxies.

Recent 3D cosmological simulations showed
that a primordial gas cloud breaks up into several
embryo protostars in an early phase (27, 28).
Each of these protostars would continue to grow
throughmass accretion, but it remained uncertain
how andwhen the growth is halted. Our radiation-
hydrodynamics calculations explicitly show that
the parent gas cloud is evaporated by intense
radiation from the central star when its mass is
several tens of solar masses. The circumstellar
disks in our simulations are marginally stable
against gravitational fragmentation (fig. S5). We
expect that these disks—in a 3D simulation—
would evolve analogously to our numerical sim-
ulations with assumed axial symmetry and have a
similar time-averaged structure. It is conceivable
that a few protostars are ejected dynamically
from the parent cloud, to remain as low-mass
stars. Observationally, however, there have been
no low-mass zero-metallicity stars discovered in
the Galaxy. This fact suggests the limited for-
mation efficiency of such low-mass primordial
stars (19). Low-mass stars (<1M⊙) and extreme-
ly high mass stars (>100M⊙), if any, are thus a
minor population among the first stars.

Our self-consistent calculations show that
the characteristic mass of the first stars is several
tens of solar masses. Although this is less than
that of the conventionally proclaimed extremely
massive stars (>100 M⊙), it is still much larger
than the characteristic mass of stars in our galaxy
(<1 M⊙) (29).
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Fig. 3. Evolution of the
accretion rate onto the pri-
mordial protostar. The blue
line indicates the evolu-
tion, which includes the
effect of UV radiative feed-
back from the protostar.
The red line indicates a nu-
merical experiment with
noUV feedback. The open
and solid circles denote
the characteristic epochs
of the protostellar evolu-
tion, beginning of the KH
contraction, and the pro-
tostar’s arrival to the ZAMS.
Fig. 2, A to D, shows the
snapshots at the moments marked here with asterisks.
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Hosokawa+ 11	


うーん、40倍	

くらいなんちゃう？�

注：	

例え40 solarでもH/He層を降着	

してEiso>~1055 ergはありかも	


~40 solar以下？�

One Hundred First Stars 5

Super-Giant Protostar (P3; Ṁ > 4× 10−2 M" yr−1)—
Hosokawa et al. (2012a) show that, if the accretion rate

is higher than

ṀP3 ≈ 4× 10−2 M" yr−1 , (5)

the protostar enters a third evolutionary path, whereby
the stellar radius monotonically increases with stellar
mass according to the relation

Rstar # 2.6× 102 R"

(

Mstar

M"

)1/2

(6)

for Mstar > 100 M". The above scaling is indepen-
dent of the mass accretion rate as long as it is greater
than the critical value, ṀP3. In Figure 1, the case with
6×10−2 M" yr−1 demonstrates this behavior. Note that,
even in this case, the timescale inversion to tKH < tacc
occurs at Mstar # 30 M". This means that most of the
stellar interior contracts, radiating the energy away and
only a surface layer significantly inflates. The star thus
has a highly inhomogeneous structure, whereby the con-
tracting core is surrounded by a bloating envelope, simi-
lar to red-giant stars. This evolutionary path is appropri-
ately called the “super-giant protostar” (Hosokawa et al.
2012a).
Hosokawa et al. (2012a) calculate the protostar evo-

lution with large constant accretion rates, with which
the protostar evolves on the “super-giant” track. In the
present paper, we use varying mass accretion which is
self-consistently calculated. We find that protostars be-
gin to contract when the accretion rates become suffi-
ciently low.

3. RESULTS

3.1. Overview

The results presented here are based on a sequence
of simulations with different computer codes. We first
perform SPH cosmological simulations to follow the for-
mation of the primordial gas clouds which gravitation-
ally collapse in the center of dark matter halos. The
histogram in Figure 2 shows that our sample of 110
dark matter halos have a wide range of masses Mvirial =
105 − 106 M" distributed over redshifts z = 35 − 11,
most of which are at z = 20 − 15. Figure 3 shows an
example of the resulting gas density concentrations aris-
ing in five such dark matter halos together with insets
of their zoomed-in structure, represented by white cir-
cles corresponding to 1 pc. As expected, the five clouds
have different structures of density, velocity, and temper-
ature. The resulting stellar masses are also different as
indicated in the figure.
After the formation of a protostellar core at the center

of the collapsing cloud, we switch to the 2D RHD calcu-
lations for each individual dark matter halo and follow
the evolution during the later accretion stages. Figure 4
shows snapshots from three of our examined cases, which
exemplify the three different evolutionary paths (P1, P2,
and P3). We see that in each case a bipolar Hii region
forms (Figure 4a), which subsequently grows at varying
rates as the stellar mass increases. The mass accretion
onto the protostar is finally shut off by the strong UV
radiative feedback caused by the dynamical expansion of
the Hii region (Figure 4c; see also Hosokawa et al. 2011).
Figure 5 shows the distribution of the final stellar masses
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Fig. 2.— The number of dark matter halos that host star-forming
gas clouds. The histogram shows the distribution of redshifts when
the central gas density reaches ∼ 106 cm−3. The histograms are
colored according to the virial masses using the color scale dis-
played at the top.
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Fig. 5.— The final distribution of the calculated stellar masses
for our 110 first stars. The red, blue, and black histograms rep-
resent the different paths of protostellar evolution; P1: KH con-
tracting protostar (red), P2: oscillating protostar (blue), and P3:
super-giant protostar (black). See text in Sec. 2.2.1 for details.
P1hd refers to the cases in which the gas clouds are formed by HD
cooling and evolve on low-temperature tracks. P3p (predicted)
indicates the same cases as P3, except that the final masses are
calculated from a correlation between the properties of the cloud
and the resulting stellar mass (Eq. 12) (see Appendix B).

obtained in our simulations (a summary is given in Ta-
ble 2). We see a large scatter of resulting stellar masses,
ranging from 9.9 M" to 1621 M". However, the bulk of
them is distributed around several tens or a few hundreds
of solar masses. We study the origin of this distribution
in Sec. 4 in detail. Here, we merely note that the distri-
bution of stellar masses does not mirror the distribution
of dark matter halo masses.
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also Susa+, in prep.	

~1000 solarもやっぱりあるやん！�



Pop III GRB�afterglow	


Pop III GRBs:	

光度は普通のGRBと大差ない�
が継続時間が長く�
総エネルギーはでかい �
Eiso~1055-1057 erg	

-> afterglowは明るい�

Toma, Sakamoto	

& Meszaros 10 �

普通のGRBより大きな半径まで�
広がる�
-> シンクロトロン自己吸収が減り�
    低周波電波でも明るい�
-> 21cm吸収線の光源として有望�



GRB afterglows: forward+reverse shock emission	


forward shock:	

radio-IR-opt-X afterglow	

reverse shock:	

optical flash, radio flare	


ultrarelativistic outflow	

+ external medium ->	

decelerating shock ->	

e acceleration	

+synchrotron emission	


t-dependent spectra	


parameters:	

E=1053-1057 erg	

T0=100-10000 s	

next=(0.1-)1 cm-3	


θj=0.1, εe,f=0.1, eB,f=0.01	

Γ0=300, εe,r=0.1, eB,r=0.01	


SI+ 07�

Sari+ 98, 99, Sari & Piran 99	

Panaitescu & Kumar 00,01,02	

Kobayashi 00… �



normal GRB afterglow	
 E=1053 erg, T0=100 s, z=20�
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Pop III GRB afterglow	
 E=1055 erg, T0=1000 s, z=20�
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- forward shock成分はEにほぼ比例して明るい ~1-10mJy @>10GHz	

- HD吸収線観測によりよい >~mJy @100GHz up to t~100 days!	

- reverse shock成分は相対的にマイナー�



Pop III GRB afterglow	
 E=1057 erg, T0=10000 s, z=20�
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- forward shock成分 ~<1Jy! @>10GHz	

   既存の変動天体探査ですでに制限？（要チェック）	

- reverse shock成分は完全にsubdominant�



Pop III GRB afterglow:���
21cm absorption?	


E=1057 erg, T0=10000 s, z=20	

next=0.1 cm-3, θj=0.3�
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100MHz�light curves � 21cm吸収線背景光源として	

SKA観測で要求される強度は	

~10mJy	


see also Toma+ 11 �
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全天10-100個あるには	
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Pop III GRB rates	
 adapted from Liu, SI, Wang & Aharonian, in prep.	


-  Bromm & Loeb 06, models with late or early reionization+weak feedback	

-  de Souza+ 11, Pop III.2	

-  Campisi+ 11, fiducial (“5Mpc”) or “low-redshift”	


Bromm & Loeb 06 �

de Souza+ 11 �

Campisi+ 11 �

“normal GRBs”	

Hopkins & Beacom 06	




ones showing opposite peak and line base displacement in radial
velocity (Shen and Loeb, 2010), but altogether they account for no
more than a few percent of quasars.

13. Toward higher and higher redshifts: the evidence for a
turnover

FWHM Hb measures can provide good MBH estimates out to z!
3.8. 8 m-class telescopes yield high s/n measures for the high lumi-
nosity tail of the quasar optical luminosity function. Sampling over
a wider part of the optical luminosity function (down to Seyfert 1
luminosities (MV ! -23) becomes possible with the next generation
of large telescopes). BH mass estimates beyond z ! 3.8 or simply
larger samples beyond z ! 0.7 requires use of Hb surrogate lines.
The two most used surrogates are MgIIk2800 and CIVk1549.
CIVk1549 cannot be trusted but MgIIk2800 may be able to serve
as a surrogate virial estimator for the highest redshift quasars

currently known. Spectra can be obtained for z ! 6 quasars in the
K band (Kurk et al., 2007).

The best MBH estimates out to z ! 4 show no evidence of a turn-
over which would reflect the epoch when the largest black holes
were still growing. Instead we see constant MBH upper limit near
logMBH ! 9.7 if we trust in part (which we do not) the measure-
ments based on CIVk1549 (Shen et al., 2008; Labita et al., 2009).
There may be a change at higher redshift (Trakhtenbrot et al.,
2011) if we consider only MBH values obtained from Hb and
MgIIk2800 measures. Fig. 9 combines a low-z sample (Zamfir
et al., 2010) with samples using Hb observed with IR spectrometers
(to z ! 3.5) and MgIIk2800 using optical and IR measures. We see a
possible turnover in estimated MBH at the highest redshifts
although some care is needed in interpreting these results. Most
sources in the range 1 [ z [ 2.5 were selected from the brightest
quasars in the Hamburg ESO survey and are the most luminous
quasars known in that redshift range. Observations at very high
redshift refer to much fainter quasars. We must restrict our atten-
tion to the high-end of the mass distribution when we evaluate the
significance of the turnover. Counting sources with masses in the
ranges 9.25 6 logMBH 6 9.75 and 8.75 6 logMBH 6 9.25, we find
that the ratio of the numbers of less-massive to more-massive
sources at redshift J 4 is lower than for the samples at
1 [ z [ 3.8. A simple application of Poisson statistics to these ra-
tios confirms a real trend. Given the different sample selection cri-
teria at different redshifts we believe that more data are needed
before the turnover can be regarded as established.

As a final consideration we note that the computed MBH may
not be critical for concordance cosmology, since black holes can
grow to the observed masses in a duty cycle that is significantly
shorter than the age of the Universe at z ! 6 according to Trakh-
tenbrot et al. (2011).

14. Conclusion

MBH computation techniques for large samples of quasars are
rough and the lack of accuracy in MBH estimates is serious. There
are several areas that could lead to significant improvement:

" a significant reduction in scatter could be achieved by more
careful selection of virial broadening estimators (best are Hb
and MgII);
" a second factor is related to knowledge of the BLR structure that

is still hotly debated (Gaskell, 2009b). There is evidence that
Pop. A and B sources show different BLR structure and kinemat-
ics. Significantly different f values are likely associated with the
two populations;
" photoionization methods should be favored over methods

based on the rBLR-L correlation.

Considering the large scatter introduced by uncertainties in the
factors entering the virial relation it is still not surprising that MBH

estimates and those derived by randomly reassigning the quasar
broad-line widths to different objects show such similarities in
the MBH vs. z plane (Croom, 2011). However this provocative result
may not stand for long.

The work was presented as an invited talk at special workshop
‘‘Spectral lines and super-massive black holes’’ held on June 10,
2011 as a part of activity in the frame of COST action 0905 ‘‘Black
holes in a violent universe’’ and as a part of the 8th Serbian
Conference on Spectral Line Shapes in Astrophysics. We are
indebted to Martin Gaskell for discussions and many insightful
suggestions. We also acknowledge with gratitude the hospitality
and good organization of the Conference in Divčibare: Luka,
Dragana, Darko and all the others of the organizing committee.

Fig. 8. Sketch illustrating 2 examples of most-frequently observed Hb profiles in
Pop. B sources (upper half) and the profiles that might be signatures of binary black
holes. The SDSS 153636.221 + 044127.0 Hb line profile (Boroson and Lauer, 2009)
corresponds to the lower-left case.

Fig. 9. MBH versus z for a low-z sample (gray dots Zamfir et al., 2010), and several
intermediate to high z samples. Red circles: Marziani et al. (2009); open squares:
Dietrich et al. (2009); open triangles: Shemmer et al. (2004); filled pentagons:
Netzer et al. (2007); filled squares: Trakhtenbrot et al. (2011); open starred
octagons: Willott et al. (2010); filled octagons: Kurk et al. (2007); large spot at
z ! 7: the high-z quasar whose discovery was announced in late June 2011
(Mortlock et al., 2011). The dashed line marks MBH = 5 # 109 M$. (For interpretation
of the references to colour in this figure legend, the reader is referred to the web
version of this article.)

P. Marziani, J.W. Sulentic / New Astronomy Reviews 56 (2012) 49–63 59

see also (28) for recent observations].
Given the different techniques and as-
sumptions that necessarily go into
the two kinds of simulations, it is hard
to distill a coherent picture. We know,
however, that at least some MBHs
must be able to grow. We just have
to learn how to model them.

One possibility is that the first
MBHs grew at rates beyond those sug-
gested by the Eddington limit (29).
When the supply is super-Eddington,
the excess radiationmaybe trapped by
the gas itself. The emergent luminos-
ity is roughly the Eddington value, but
the growth rate is much higher. Super-
Eddington models were abandoned
in the early 1980s (30), following
the finding that today’s MBH popu-
lation can be best explained with relatively modest
accretions rates. Now, 30 years later, the discovery
of quasars at larger and larger distances, powered
by huge MBHs, revives the possibility that at least
part of the growth of MBHs occurs at super-
Eddington rates. It is now high time to revive studies
of the stability of super-Eddington flows [see (31) for
two-dimensional simulations] and address the long-
standing question of how much gas is actually ac-
creted by theMBH and howmuch is instead ejected
in winds and jets. An intriguing possibility is that at
large accretion rates the intermittent production of
collimated jets may decrease the effects of feed-
back, depositing kinetic energy at large distances
and leaving the host unscathed.

MBHs and Galaxies: A Symbiotic Growth?
Observations indicate that MBHs ordinarily dwell at
the centers of today’s galaxies. Scaling relations have
been identified between MBHs and many large-
scale properties of the host galaxies that point to a
joint galaxy andMBH cosmic evolution. In general,
we can think ofMBHs as weighing about 1/1000 of
the host galaxy bulge (32). As aword of caution, the
sample over which these correlations have been
discovered or tested comprises ~65 galaxies, and
most of theMBHs occupy themass range of 107 to
109 M⊙, with the few MBHs below or above this
range showing departures from at least some of the
correlations, or at least increased scatter (33, 34). It
is likely that these outliers hold the key to under-
standing the intimate link between MBHs and gal-
axies. For instance, we expect that the evolution of
MBHs at the high-endof themass spectrum included
many more MBH-MBH mergers, thus causing
changes in the relationship with their hosts. At the
other end of the mass spectrum, low-mass MBHs
may not have changed much, leaving their masses
close to that of the initial seeds (35). Low-mass
MBHs may not shed light on how the correlation
is established but may provide important infor-
mation on how MBHs formed in the first place.

Analyses of these correlations raised three in-
terconnected questions that currently lack a definite

answer from either theory or observations, but that
represent one of the main thrusts of research in the
field. The relationship between darkmatter, baryonic
matter, and MBHs holds the key to understanding
the formation and evolution of MBHs in a cos-
mological context (36).

What galaxy property doMBHs really correlate
with? In the past 10 years a plethora of correlations
have been proposed, from the classic luminosity,
mass, and velocity dispersion of the bulge to the
binding energy of the galaxy, the number of globular
clusters, and the total mass of the dark matter halo.
Sparks fly when debating whether MBHs correlate
onlywith the bulge component of a galaxy or rather
with the whole galaxy or even the full dark matter
halo (37). The correlations betweenMBHsand bulges
are tighter, suggesting that the same process that as-
sembled galaxy bulges is responsible for most of
the growth of MBHs. The process that is often ad-
vocated for bulge formation is the merger between
two similar size galaxies. However, the
frequencyof galaxymergers ismainly
driven by the dark matter distribution,
which also sets the depth of the po-
tential well of the galaxy and its abil-
ity to retain gas. The dark matter halo
may therefore be setting the stage,
including the effects of cosmic down-
sizing, with the dynamics of gas and
stars playing themost direct role in de-
termining the MBH growth rate (38).

Is the correlation regulated by the
galaxy or by theMBH?Supporters of
the MBH-regulated hypothesis argue
that MBHs may affect their host gal-
axies through feedback from active
galactic nuclei. The radiative and ki-
netic energy pumped into the host
galaxy can transfer energy and heat
to the gas, suppressing star formation
and thus altering the overall evolution
of galactic structures. In this picture,
it is the MBH that regulates the pro-
cess:When it reaches a limitingmass

and luminosity, theMBHdrivespower-
ful outflows that sweep away the sur-
rounding gas, thus halting both its own
growth and star formation in the gal-
axy.From theoriginal idea (39), refined
models of feedback have been de-
veloped (40–42). Many theoretical
models (43, 44) advocate that strong
activity and powerful feedback occur
during galaxy mergers, thus provid-
ing a link between bulge formation
and MBH growth. In the alternative
view, the galaxy-regulated hypothesis,
the galaxy sets theMBHmass by reg-
ulating the amount of gas that trickles
to the MBH. One of the most interest-
ing results that has recently emergedon
black hole and galaxy growth is the
strong link between the global black

hole growth rate and the cosmic star formation rate
(45); additionally, it has been discovered that the
majority of moderate nuclear activity in the universe
has taken place in normal star-forming galaxies
undergoing internal evolution rather than in violent
mergers (46). MBH activity could be generated
by the same internal dynamical instabilities that
drive star formation, possibly sustained by gas
reaching galaxy discs from filaments in the cosmic
web (47) or by mass loss from existing stars (48).
Hence, the role of galaxy mergers in shaping the
growth of bulges and MBHs is still an open ques-
tion, as is the issue of whether feedback or feeding
set the link between galaxies and MBHs.

When is the correlation established? We can en-
visage three possibilities (Fig. 3) (49): (i)MBHsmay
have grown in symbiosis with their hosts; (ii) the
black hole may have dominated the process, with
the galaxy catching up later; or (iii) the galaxy grew
first, and the black hole adjusted to its host. The

Massive
black 
hole

Early universe

Today

Dominance

Symbiosis

Adjustment

Galaxy

Fig. 3. Possible routes to MBH and galaxy coevolution, starting
from black holes forming in distant galaxies in the early universe.
[Image credits: NASA, European Space Agency (ESA), A. Aloisi
(Space Telescope Science Institute and ESA, Baltimore, MD), and
The Hubble Heritage Team (Space Telescope Science Institute/
Association of Universities for Research in Astronomy)]
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Fig. 2. Projected density (left) and temperature (right) of the gas in the
vicinity of an accreting 2.5 × 104M⊙ black hole in a galaxy 0.375 billion years
after the Big Bang. The radiation emitted from the active black hole heats and
expands the dense gas from which the black hole feeds, curbing its subsequent
growth. One kpc corresponds to 3.26 × 103 light-years. From (26).
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first supermassive black holes	


Marziani+ 11 �

Johnson+ 11�

E~ LEdd tSal	

  ~ few x1058 erg	

     for MBH~106 Msol	


early, gas-rich environment	

-> ubiquitous blastwave formation	

    + radio emission?? �
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DM=375 pc cm-3 >>DMGal	

-> D~0.5 Gpc (z~0.1)	
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fast radio bursts	
 Thornton+ Science 13	


signal-to-noise ratios (SNRs) to yield astrophysi-
cally interesting constraints for either parameter
and show no evidence of scattering.

Our FRBs were detected with DMs in the
range from553 to 1103 cm−3 pc. Their highGalactic
latitudes (jbj > 41○, Table 1) correspond to lines
of sight through the low column density Galactic
ISM corresponding to just 3 to 6% of the DM
measured (10). These small Galactic DM con-
tributions are highly supportive of an extragalac-
tic origin and are substantially smaller fractions
than those of previously reported bursts, which
were 15% of DM= 375 cm−3 pc for FRB 010724
(4) and 70% of DM = 746 cm−3 pc for FRB
010621 (5).

The non-Galactic DM contribution, DME, is
the sum of two components: the intergalactic
medium (IGM; DMIGM) and a possible host gal-
axy (DMHost). The intervening medium could be
purely intergalactic and could also include a con-
tribution from an intervening galaxy. Two op-
tions are considered according to the proximity
of the source to the center of a host galaxy.

If located at the center of a galaxy, this may be
a highly dispersive region; for example, lines
of sight passing through the central regions of
Milky Way–like galaxies could lead to DMs in
excess of 700 cm−3 pc in the central ~100 pc (11),
independent of the line-of-sight inclination. In
this case, DME is dominated by DMHost and re-
quires FRBs to be emitted by an unknownmecha-
nism in the central region, possibly associated
with the supermassive black hole located there.

If outside a central region, then elliptical host
galaxies (which are expected to have a low electron
density) will not contribute to DME substantially,
and DMHost for a spiral galaxy will only contrib-
ute substantially to DME if viewed close to edge-
on [inclination, i > 87○ for DM > 700cm−3pc;
probabilityði > 87○Þ ≈ 0:05]. The chance of all
four FRBs coming from edge-on spiral galaxies
is therefore negligible (10−6). Consequently, if the
sources are not located in a galactic center, DMHost

would likely be small, and DMIGM dominates.
Assuming an IGM free-electron distribution, which
takes into account cosmological redshift and as-
sumes a universal ionization fraction of 1 (12, 13),
the sources are inferred to be at redshifts z = 0.45
to 0.96, corresponding to comoving distances of
1.7 to 3.2 Gpc (Table 1).

In principle, pulse scatter-broadening mea-
surements can constrain the location and strength
of an intervening scattering screen (14). FRBs
110627, 110703, and 120127 are too weak to
enable the determination of any scattering; how-
ever, FRB 110220 exhibits an exponential scat-
tering tail (Fig. 1). There are at least two possible
sources and locations for the responsible scatter-
ing screens: a host galaxy or the IGM. It is pos-
sible that both contribute to varying degrees.

For screen-source, Dsrc, and screen-observer,
Dobs, distances, themagnitude of the pulse broad-
ening resulting from scattering is multiplied by
the factor DsrcDobs=ðDsrc + DobsÞ2. For a screen
and source located in a distant galaxy, this effect

probably requires the source to be in a high-
scattering region, for example, a galactic center.

The second possibility is scattering because
of turbulence in the ionized IGM, unassociated
with any galaxy. There is a weakly constrained
empirical relationship betweenDM andmeasured
scattering for pulsars in the MW. If applicable to
the IGM, then the observed scattering implies
DMIGM > 100cm−3 pc (2, 15). With use of the
aforementioned model of the ionized IGM, this
DM equates to z > 0:11 (2, 12, 13). The prob-
ability of an intervening galaxy located along the
line of sight within z ≈ 1 is ≤0.05 (16). Such a
galaxy could be a source of scattering and dis-
persion, but the magnitude would be subject to
the same inclination dependence as described for
a source located in the disk of a spiral galaxy.

It is important to be sure that FRBs are not a
terrestrial source of interference. Observations at
Parkes have previously shown swept frequency
pulses of terrestrial origin, dubbed “perytons.”
These are symmetric W > 20 ms pulses, which
imperfectly mimic a dispersive sweep (2, 8). Al-
though perytons peak in apparent DM near
375 cm−3 pc (range from ~200 to 420 cm–3 pc),

close to that of FRB 010724, the FRBs presented
here have much higher and randomly distributed
DMs. Three of these FRBs are factors of >3
narrower than any documented peryton. Last, the
characteristic scattering shape and strong disper-
sion delay adherence of FRB 110220 make a
case for cold plasma propagation.

The Sun is known to emit frequency-swept
radio bursts at 1 to 3GHz [typeIIIdm (17)]. These
bursts have typical widths of 0.2 to 10 s and
positive frequency sweeps, entirely inconsistent
with measurements of W and a for the FRBs.
Whereas FRB 110220 was separated from the
Sun by 5.6°, FRB 110703 was detected at night
and the others so far from the Sun that any
solar radiation should have appeared in multi-
ple beams. These FRBs were only detected in a
single beam; it is therefore unlikely they are of
solar origin.

Uncertainty in the true position of the FRBs
within the frequency-dependent gain pattern of
the telescope makes inferring a spectral index, and
hence flux densities outside the observing band,
difficult. A likely off-axis position changes the in-
trinsic spectral index substantially. The spectral

Fig. 1. The frequency-integrated flux densities for the four FRBs. The time resolutions match the
level of dispersive smearing in the central frequency channel (0.8, 0.6, 0.9, and 0.5 ms, respectively).
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energy distribution across the band in FRB 110220
is characterized by bright bands ~100 MHz wide
(Fig. 2); the SNRs are too low in the other three
FRBs to quantify this behavior (2). Similar spec-
tral characteristics are commonly observed in the
emission of high-|b| pulsars.

With four FRBs, it is possible to calculate an
approximate event rate. The high-latitude HTRU
survey region is 24% complete, resulting in 4500
square degrees observed for 270 s. This cor-
responds to an FRB rate ofRFRBðF e 3 Jy msÞ ¼
1:0þ0:6

−0:5 % 104sky−1day−1, where the 1-s uncer-
tainty assumes Poissonian statistics. The MW
foreground would reduce this rate, with increased
sky temperature, scattering, and dispersion for
surveys close to the Galactic plane. In the ab-
sence of these conditions, our rate implies that
17þ9

−7 , 7
þ4
−3 , and 12þ6

−5 FRBs should be found in
the completed high- and medium-latitude parts
of the HTRU (1) and Parkes multibeam pulsar
(PMPS) surveys (18).

One candidate FRB with DM > DMMW has
been detected in the PMPS [ jbj < 5○ (5, 19)].
This burst could be explained by neutron star
emission, given a small scale-height error;
however, observations have not detected any
repetition. No excess-DM FRBs were detected in
a burst search of the first 23% of the medium-
latitude HTRU survey [jbj < 15○ (20)].

The event rate originally suggested for
FRB 010724, R010724 ¼ 225 sky−1 day−1 (4), is
consistent with our event rate given a Euclid-
ean universe and a population with distance-
independent intrinsic luminosities (source
count, NºF−3=2) yielding RFRB ðF e 3 Jy msÞ
e 102RFRBðF010724 e 150 Jy msÞ.

There are no known transients detected at
gamma-ray, x-ray, or optical wavelengths or
gravitational wave triggers that can be temporally
associated with any FRBs. In particular there is

Fig. 2. A dynamic spectrum showing the frequency-
dependent delay of FRB 110220. Time is measured relative
to the time of arrival in the highest frequency channel. For clarity
we have integrated 30 time samples, corresponding to the dis-
persion smearing in the lowest frequency channel. (Inset) The
top, middle, and bottom 25-MHz-wide dedispersed subband used
in the pulse-fitting analysis (2); the peaks of the pulses are
aligned to time = 0. The data are shown as solid gray lines and
the best-fit profiles by dashed black lines.

Table 1. Parameters for the four FRBs. The position given is the center of the gain pattern of the beam
in which the FRB was detected (half-power beam width ~ 14 arc min). The UTC corresponds to the arrival
time at 1581.804688MHz. The DM uncertainties depend not only on SNR but also on whether a and b are
assumed (a ¼ −2; no scattering) or fit for; where fitted, a and b are given. The comoving distance was
calculated by using DMHost = 100 cm−3 pc (in the rest frame of the host) and a standard, flat-universe
LCDM cosmology, which describes the expansion of the universe with baryonic and dark matter and dark
energy [H0 = 71 km s−1Mpc−1,WM=0.27,WL =0.73;H0 is the Hubble constant andWM andWL are fractions
of the critical density of matter and dark energy, respectively (29)]. a and b are from a series of fits using
intrinsic pulse widths of 0.87 to 3.5ms; the uncertainties reflect the spread of values obtained (2). The observed
widths are shown; FRBs 110627, 110703, and 120127 are limited by the temporal resolution due to dis-
persion smearing. The energy released is calculated for the observing band in the rest frame of the source (2).

FRB 110220 FRB 110627 FRB 110703 FRB 120127

Beam right
ascension ( J2000)

22h 34m 21h 03m 23h 30m 23h 15m

Beam declination
( J2000)

−12° 24′ −44° 44′ −02° 52′ −18° 25′

Galactic latitude,
b (°)

−54.7 −41.7 −59.0 −66.2

Galactic longitude,
l (°)

+50.8 +355.8 +81.0 +49.2

UTC (dd/mm/yyyy
hh:mm:ss.sss)

20/02/2011
01:55:48.957

27/06/2011
21:33:17.474

03/07/2011
18:59:40.591

27/01/2012
08:11:21.723

DM (cm−3 pc) 944.38 T 0.05 723.0 T 0.3 1103.6 T 0.7 553.3 T 0.3
DME (cm

−3 pc) 910 677 1072 521
Redshift, z (DMHost =

100 cm−3 pc)
0.81 0.61 0.96 0.45

Co-moving distance,
D (Gpc) at z

2.8 2.2 3.2 1.7

Dispersion index, a −2.003 T 0.006 – −2.000 T 0.006 –
Scattering index, b −4.0 T 0.4 – – –
Observed width

at 1.3 GHz, W (ms)
5.6 T 0.1 <1.4 <4.3 <1.1

SNR 49 11 16 11
Minimum peak

flux density Sn(Jy)
1.3 0.4 0.5 0.5

Fluence at 1.3 GHz,
F (Jy ms)

8.0 0.7 1.8 0.6

SnD2 (× 1012 Jy kpc2) 10.2 1.9 5.1 1.4
Energy released, E (J) ~1039 ~1037 ~1038 ~1037
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Sν~0.4-1.3 Jy @1.28-1.52 GHz	

Δt~<5 ms	


DM~550-1100 pc cm-3	


-> D~1.7-3.2 Gpc (z~0.45-0.96)	

-> E~1037-1039 erg	

RFRB~104 day-1! ~0.1RSN �

see also Kulkarni+	

arXiv:1402.4766	
Parkes High Time Resolution Universe survey	




fast radio bursts: future expectations	
Detecting highly dispersed bursts 377

Figure 2. Expected number of FRBs per hour for various observatories in the high-scattering simulations. The coloured bars show the number of FRBs
detectable in imaging surveys, assuming different spectral indices of 0.0 (white), −1.0, −2.0, −3.0 and −4.0 (darkest grey). The number of FRBs detectable
in beamformed surveys is indicated by the bars with a solid black outline. The DM range used was 0–6000 pc cm−3.

Figure 3. As Fig. 2, but for the no-scattering simulations.

algorithms the difference between imaging and beamformed data
could be reduced), and more stable on long time-scales. In addition,
because the more distant elements of an array are easier to include
in imaging observations, finding FRBs in images could offer a much
better localization of the source, and could help to associate it with
a host galaxy. Unfortunately, producing images which have inte-
gration times shorter than a few minutes is often difficult because
short integrations have reduced UV coverage, which can lead to

difficulties calibrating and cleaning the data correctly. Exceptions
to this include arrays with good instantaneous UV coverage, and
situations where the burst dominates the flux in the field-of-view.
Also, there is a practical limit on the shortest images, which is set
by the shortest possible correlator time, so images are less sensitive
to short bursts, and may be unable to resolve scatter broadening
or dispersion (although this limit has been improved radically; see
Law et al. 2011).
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Figure 1. Top panel: the average number of halos above the specified mass
thresholds that a sightline intersects within 1rvir. Bottom panel: the mean
dispersion measure (solid curve) as well as the standard deviation in its value
for the considered models (other curves).
(A color version of this figure is available in the online journal.)

For this curve and subsequent analytic calculations, we take all
of the cosmic baryons to be in a diffuse, fully ionized phase.

The sightline-to-sightline scatter in DM(z) primarily owes
to scatter in the number of collapsed systems that a sightline
encounters. The top panel of Figure 1 shows the number of
halos above the specified halo mass thresholds that the average
sightline intersects within 1rvir. For a sightline with zs = 1, on
average it intersects N (mh) = 1, 3, 10, and 20 halos with mh
greater than 1013, 1012, 1011, and 1010 M!, respectively. The
fraction of the dark matter that resides in halos above these
masses is f = 0.19, 0.30, 0.39, and 0.46 at z = 0 (f = 0.07,
0.16, 0.26, 0.33 at z = 1). Halos with mh < 1010 M! are
below the Jeans’ mass of the IGM and, therefore, unlikely to be
overdense in gas.

The sightline-to-sightline variance in DM(zs) is given by

σ 2[DM] =
∫ zs

0

c dz1

a1H (z1)

∫ zs

0

c dz2

a2H (z2)
ρ̄2

e (0) 〈δe(z1)δe(z2)〉 ,

≈
∫ zs

0

c dz

H (z)
(1 + z)2ρ̄2

e (0)
∫

d2k⊥

(2π )2
Pe(k⊥, z),

where an = (1 + zn)−1, ρ̄e(z) is the mean electron number
density, δe(z) is the electron overdensity, Pe(k, z) = 〈|δ̃e(k, z)2|〉
is its spatial three-dimensional power spectrum, tildes denote the
Fourier dual in the convention where 2π ’s appear only under
dk’s, and 〈. . .〉 indicates an ensemble average.

To calculate Pe and hence σ 2[DM], we consider three models
(ordered in increasing sophistication) for halos’ gas profile of
the ionized baryons:

1. The baryons associated with mh > 1010 M! halos are
distributed as a top hat with radius Xrvir, which yields for

each halo a DM at R ' Xrvir of

∆DM = 28 (1 + z)
α2/3

X2

(
mh

1012 M!

)1/3

cm−3 pc.

Here, α is the dark matter density within 1rvir in units of 200
times its cosmic mean. The unassociated baryons (or those
associated with less massive halos) in this model and Model
2 are assumed to trace the linear density field. As long as
they are more diffuse than the baryons associated with the
more massive halos, this assumption has little impact on
our results.

2. The baryons trace the dark matter halo profile above a cer-
tain mass threshold, m∗. Our calculations assume NFW halo
profiles (Navarro et al. 1996) and the concentration–halo
mass relation of Bullock et al. (2001). In addition, we use the
case m∗ = 1013 M! to approximate the Sharma et al. (2012)
model for the intrahalo medium. Sharma et al. (2012) find
that halos with mh > 1013 M! have the potential to retain
most of their gas in a virialized intrahalo medium, whereas
lower mass halos cannot as densities would be required that
are thermally unstable.

3. The baryon distribution in the “swinds” 40 h−1 Mpc,
2 × 5123 particle cosmological simulation of Faucher-
Giguère et al. (2011), which was run with the GADGET-3
SPH code (Springel 2005). This simulation uses the
Springel & Hernquist (2003) galactic wind prescription,
with 2 M! ejected in a 342 km s−1 wind for every 1 M!
of star formation. These parameters were chosen to match
observations of the z = 0 stellar mass function.

We use the standard halo model to calculate Pe for Models 1
and 2, but with the specified baryonic profiles rather than NFW
profiles. The standard halo model approximates correlations in
the cosmological density field as a superstition of the linear
density field correlations (convolved with the halos’ profiles)
plus a Poissonian term that results from internal correlations
within each halo. This ansatz has met much success reproducing
the statistics of the nonlinear dark matter field (see Cooray &
Sheth 2002 for a review). For Model 3, we instead trace skewers
through the simulation volume on the light cone.

The curves in the bottom panel of Figure 1 show our estimates
for σ [DM] in the three baryonic profile models. Model 2 with
m∗ = 1010 M!, annotated as “trace the dark matter,” results in
the largest dispersion, with σ [DM] = 400 cm−3 pc at z = 1.
The other models have reduced dispersion, with the 1rvir top
hat model having the smallest with σ [DM] = 180 cm−3 pc. The
dispersion in the case where the baryons trace NFW halos for
mh > 1013 M! (which mimics the Sharma et al. 2012 model) is
only somewhat smaller than the dark matter tracing case, which
we explain in Section 3. These variances are not only a signal,
but set the noise of the stacking analysis discussed in Section 4.

Our models have ignored the contribution of a disky elec-
tronic component to σ [DM]. There are two justifications for
this omission. First, the disky component is unlikely to con-
tribute significantly to σ [DM]. In the Cordes & Lazio (2002)
model for the Milky Way electron distribution, an r = 18 kpc
thick disk contributes a maximum of 60 cm−3 pc for sightlines
perpendicular to the disk plane, and the thick disk is the largest
contributor to the electronic column everywhere except in the
Galactic Center. Consider a toy model motivated by the Milky
Way thick disk in which all galactic disks have a column of
DMdisk = 100 cm−3 pc. If 10% of zs = 1 sightlines intersect
disks (a factor of a few higher than empirical estimates based on

2

28 Kulkarni et al.

FIG. 14.— Illustration of using Dispersion Measure to probe the epoch of re-ionization of Helium II. Top and bottom panels show DM and its derivative as a
function of redshift, respectively. A sharp H I and He I re-ionization at z ⇠ 6 and a sharp He II re-ionization at z ⇠ 3 are assumed.

fraction of hydrogen, and fHeII and fHeIII are the ionization fractions of singly and double ionized helium. After helium re-
ionization (z ⇠ 2�3), we essentially have fHII = 1, fHeII = 0, and fHeIII = 1, which gives fe ' 0.88 at low redshifts.

The observed dispersion measure (DM) is defined as

dtp

dwobs
=�

4pe2

cmew3
obs

DM. (E4)

In combination with equation (E1), we have

DM=n0
c

H0

Z z

0

dz(1+ z) fe(z)p
Wm(1+ z)3 +WL

,

=1060cm�3pc
✓

Wbh2

0.022

◆✓
h

0.7

◆
�1

,

⇥

Z z

0

dz(1+ z) fe(z)p
Wm(1+ z)3 +WL

. (E5)

For a constant fe, the above integral can be approximated as

DM = 933cm�3pc
✓

fe

0.88

◆✓
Wbh2

0.022

◆✓
h

0.7

◆
�1

"✓
Wm

0.25

◆0.1
a1(x�1) +

✓
Wm

0.25

◆
a2(x2.5

�1)+
✓

Wm

0.25

◆1.5
a3(x4

�1)

#
, (E6)

with x = 1+ z, a1 = 0.5372, a2 =�0.0189, and a3 = 0.00052. The accuracy of this approximation is better than ⇠2% for z < 5.
At low redshifts, one can use the following approximation,

DM=933 cm�3 pc
h
z+(0.5�0.75Wm)z2

i✓ fe

0.88

◆✓
Wbh2

0.022

◆✓
h

0.7

◆
�1

, (E7)

which has a 5% accuracy up to z = 0.6. Given the currently accepted value of Wm = 0.27 we present the following convenient
formula for future observers of Sparker-like events:

DM=933 cm�3 pc(z+0.3z2)

✓
fe

0.88

◆✓
Wbh2

0.022

◆✓
h

0.7

◆
�1

. (E8)

The DM as a function of z is displayed in Figure 14. This is an idealized plot since we assume a sharp He II re-ionization at
z ⇠ 3. The re-ionization is better seen in the slope or derivative of the DM curve. The jump is about 8%. Whether this jump will
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missing baryons (WHIM)� HeII reionization �

BUT need redshift measurement!	

21cm absorption?	

GRB association?�



まとめ�
- 21cm forest: 21cm emissionと相補的な	

  宇宙黎明期・再電離期・宇宙論のプローブ	

  まだ研究の余地あり！	

- 背景電波光源：quasar? Pop III GRB?�first SMBH??	

��不定性大きいがそれ自体おもしろい研究課題	


- fast radio bursts: 正体不明の新種突発電波源	

��redshiftが測定できるようになれば電離ガスの	

  ユニークなプローブ	



